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ABSTRACT

Recent observations have revealed a unique class of active galactic nuclei (AGNs), termed little red

dots (LRDs). These objects are hypothesized to be powered by massive black holes rapidly accreting

in dense gaseous environments. Theoretical studies suggest that the circum-nuclear gas can form an

optically thick black hole envelope (BHE), whose structure resembles the atmospheres of convective

stars near the Hayashi limit. Given that such cool stars typically generate magnetic fields, we propose a

dynamical and spectral model for an LRD enshrouded by a magnetized BHE. Assuming spherical free-

fall accretion onto a rotating, magnetized BHE, our model accounts for key observational properties

of LRDs. We propose that the Doppler component of broad emission lines originates from plasma

clumps co-rotating within the BHE magnetosphere. Including additional broadening due to electron

scattering allows the resulting line profile to be fitted by a combination of a Gaussian core and an

exponential tail. This model can reproduce Doppler components up to a few thousand km s−1. We

suggest that conventional black hole mass estimation methods based on the virial relation may yield

erroneous results. Furthermore, our model is consistent with X-ray non-detections in LRDs. We

evaluate the X-ray luminosities of two potential sources: the post-shock region of accretion shocks and

a magnetically heated corona. We find that these X-ray luminosities are constrained to ≲ 1041 erg s−1

across a wide range of black hole masses (105M⊙ ≲ MBH ≲ 107M⊙) and accretion rates, consistent

with current upper limits on X-ray emission.

Keywords: Supermassive black holes (1663) — Galaxies (573) — Cosmology (343) — High Energy

astrophysics (739) — Interstellar medium (847) — Stellar astronomy (1583) — Solar physics

(1476)

1. INTRODUCTION

The James Webb Space Telescope (JWST) has rev-

olutionized our understanding of the early universe at

cosmic dawn through its unprecedented sensitivity to in-

frared light. The discovery of little red dots (hereafter,

LRDs) has provided crucial insights into the emergence

of massive black holes and their origins (J. Matthee et al.

2024; J. E. Greene et al. 2024; D. D. Kocevski et al. 2025;

I. Labbé et al. 2025; R. E. Hviding et al. 2025). LRDs

exhibit unique spectral properties, including V-shaped

spectral energy distributions (SEDs) composed of blue

ultraviolet and red optical continuum emission, along

with prominent Balmer breaks and absorption features

(R. Maiolino et al. 2024; X. Lin et al. 2024; K. Inayoshi

& R. Maiolino 2025; X. Ji et al. 2025), and weak hot dust
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and X-ray emission (R. Maiolino et al. 2025; D. J. Setton

et al. 2025; P. G. Pérez-González et al. 2024; A. Comas-

tri et al. 2025; I. Delvecchio et al. 2025). These char-

acteristics distinguish LRDs from typical active galactic

nuclei, suggesting that they represent an early stage of

massive black hole formation and growth (K. Inayoshi

2025).

Several theoretical scenarios have been proposed since

the discovery of LRDs to explain their nature (K. In-

ayoshi & L. C. Ho 2025, references therein). Among

these, the gas-enshrouded active galactic nuclei (AGN)

model successfully accounts for multiple key aspects of

their enigmatic properties. In this scenario, the sur-

rounding gas forms an optically thick envelope that re-

processes accretion power into photospheric emission

with an effective surface temperature of Teff ≃ 5000 K

(e.g., K. Inayoshi et al. 2025b; D. Kido et al. 2025; R. P.

Naidu et al. 2025; A. de Graaff et al. 2025a,b; A. J.

Taylor et al. 2025; V. Kokorev et al. 2025; X. Lin et al.

2026; M. C. Begelman & J. Dexter 2026; A. Sneppen
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et al. 2026). This framework includes various structural

possibilities, such as black hole envelopes (BHEs), quasi-

stars, and black hole stars. While these models differ in

detail, they share a common feature: an optically thick

envelope that behaves like a stellar atmosphere. Con-

sequently, these models self-consistently reproduce the

red optical emission and relatively weak infrared output

observed in LRDs.

Despite its success in reproducing several observed

properties, this configuration leaves the origin of the UV

continuum and the broad emission lines unclear. This is

primarily because radiation produced by the accreting

black hole can hardly escape from the deep interior sur-

rounded by a dense gaseous envelope, suggesting that

it is instead reprocessed into optical emission via ther-

malization. However, if the envelope is clumpy and not

perfectly optically thick (R. P. Naidu et al. 2025; A.

Sneppen et al. 2026; M. Tang et al. 2026; X. Ji et al.

2026), a fraction of ionizing radiation may escape along

low-density sightlines before being thermalized. In this

context, a recent study of spectroscopically confirmed

LRDs showed that the UV continuum and broad Hα lu-

minosities are tightly correlated, following a ratio con-

sistent with that observed in star-forming galaxies (Y.

Asada et al. 2026). Furthermore, the absence or weak-

ness of emission lines from highly ionized species (e.g.,

He II, C IV, and [Ne III]) suggests that the radiation

source in LRDs is unlikely to be a typical AGN (B. Wang

et al. 2025; M. Tang et al. 2025); however, M. Tang et al.

(2025) reported detecting N V emission, which is diffi-

cult to produce via stellar activity.

Hydrogen Balmer lines might alternatively be pow-

ered by a population of young stars clustered around

the BHE (e.g., K. Inayoshi et al. 2025a; Y. Asada et al.

2026) or by ionizing radiation leaking from the enve-

lope interior (e.g., X. Lin et al. 2026; A. Sneppen et al.

2026). In either case, if the line-emitting clouds just out-

side the envelope radiate efficiently, the expected full

width at half maximum (FWHM) is ∼ 1, 000 km s−1,

assuming Keplerian motion. Furthermore, deviations

from a single Gaussian profile, such as exponential wings

or Lorentzian-like shapes, indicate contributions from

electron scattering and the presence of dense gas rather

than purely virial kinematics (V. Rusakov et al. 2025;

S.-J. Chang et al. 2026; J. Scholtz et al. 2026).

If the properties of LRDs are interpreted by analogy

with stellar atmospheres, such as those of red-super gi-

ants and protostars, considering the role of magnetic

fields is a natural extension. In such systems, mag-

netic fields are commonly generated through dynamo

processes operating in convective layers, and similar con-

ditions are expected in BHEs. This motivates us to

Figure 1. Illustration of our BHE model.

investigate whether magnetized BHE models are con-

sistent with current observations and how these fields

affect their observational signatures. We focus on two

key observables: the absence or weakness of X-ray emis-

sion and the formation of broadened hydrogen Balmer

lines. The magnetic field of accreting objects can reduce

the X-ray luminosity by decreasing the accretion shock

temperature (e.g. F. K. Lamb et al. 1973; R. F. Elsner

& F. K. Lamb 1977). Conversely, a magnetized atmo-

sphere may radiate strong X-rays, as commonly found

in young low mass stars (M. Güdel 2004). Furthermore,

if the BHEs are rotating, gas trapped in the corotat-

ing magnetosphere can produce Doppler broadening of

emission lines, as suggested by studies of low mass stars

(e.g. T.-Q. Cang et al. 2020; S. Daley-Yates & M. M. Jar-

dine 2024). Considering these effects, we aim to clarify

the role of BHE magnetic fields.

The remainder of this paper is organized as follows.

Section 2 provides general descriptions of our model,

summarizing the key structures and quantities. We also

address the conditions for magnetosphere formation and

the general structure of an accretion shock. Obser-

vational predictions regarding the formation of broad

emission lines and the X-ray luminosity are presented

in Section 3. In Section 4, we discuss limitations and

implications of our model, emphasizing the importance

of collaborative studies of stellar observations. Finally,

Section 5 summarizes the key findings of this study.

2. BH-ENVELOPE-AS-A-PROTOSTAR MODEL

2.1. General Descriptions

Figure 1 illustrates the overall structure of our LRD

model. A massive black hole of mass MBH is em-

bedded within a BHE, which is analogous to a gi-

ant star or protostar near the Hayashi track on the
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Hertzsprung–Russell diagram (C. Hayashi & R. Hōshi

1961; C. Hayashi 1961; D. Kido et al. 2025; M. C.

Begelman & J. Dexter 2026; H. Liu et al. 2025). We

assume that the BHE continues to grow via approxi-

mately spherical, free-fall accretion at a rate ṀISM, mo-

tivated by the expectation that LRDs host rapidly grow-

ing black holes. The BHE fully enshrouds the central

black hole, thereby obscuring UV and X-ray radiation

produced by AGN activity. This assumption differs from

the scenario proposed by R. P. Naidu et al. (2025) and

A. Sneppen et al. (2026), where AGN radiation can par-

tially escape through the envelope. Given its proximity

to the Hayashi track, the envelope is expected to be

convective. Additionally, the envelope will possess finite

angular momentum supplied by the accretion flow. Un-

der these conditions, the combination of convection and

rotation is likely to drive dynamo action, leading to the

generation of large-scale, dipolar magnetic fields.

Magnetic fields affect the accretion structure by exert-

ing the Lorentz force on the accreting flow, which forms

a quasi-spherical accretion shock above the BHE photo-

sphere. The post-shock layer is generally geometrically

thin. Within the accretion shock, the plasma motion

will be arrested by the magnetic fields. We define this

region as magnetosphere. This magnetosphere rotates

with the BHE and exhibits substructures, as described

in Section 2.2.

The convective and magnetized BHE is expected to

form a hot, X-ray emitting corona, analogous to solar

and stellar coronae. A fraction of the kinetic energy

from convection is transported to the upper atmosphere

via magnetic fields and subsequently dissipated magnet-

ically in the tenuous region. If the atmosphere is domi-

nated by magnetic energy, this dissipation can efficiently

heat the tenuous gas.

2.2. Model Formulation

This section describes four key assumptions and ba-

sic equations governing our BHE-as-a-protostar model.

Given that our understanding of the internal structure

of BHEs remains limited, we adopt a simplified frame-

work where (i) a hydrostatic BHE is embedded within

a dense, spherically symmetric free-fall accretion flow

(Figure 1). Under rapid mass accretion, the inflowing

gas is expected to form an extended photosphere out-

side the hydrostatic envelope, analogous to protostellar

accretion solutions of S. W. Stahler et al. (1986). For

simplicity, we assume that (ii) the photospheric radius

and temperature are approximately equal to those at

the envelope equilibrium surface, i.e., rph ≃ renv and

Tph ≃ Tsurf . We further assume that (iii) the BHE mass

is comparable to or smaller than the BH mass, allow-

ing us to neglect the self-gravity of the envelope. Under

these assumptions, we solve for the structure, spanning

from the spherical free-fall accretion flow to the interior

of the hydrostatic BHE. First, we determine the location

and physical quantities such as the temperature of the

photosphere in the accretion flow under the boundary

conditions that the optical depth equals unity and the

photospheric luminosity equals the Eddington luminos-

ity (assumption iv). Using these photospheric values as

outer boundary conditions, we solve the internal struc-

ture of the BHE down to the vicinity of the central black

hole, seeking solutions consistent with assumption (iii).

We then estimate the magnetic field strength from the

physical conditions at the BHE surface, although the dy-

namical effects of magnetic fields on the envelope struc-

ture itself are neglected in the present study.

In the following, we adopt the convention of AX =

A/10X in cgs units unless otherwise noted, where A de-

notes a physical quantity and X is the exponent.

2.2.1. Photosphere

To effectively survey a broad range of MBH, we in-

troduce the normalized variables mBH,7 = MBH/10
7M⊙

and ṁISM,1 = ṀISM/10ṀEdd. The quantity ṀEdd is

defined as the Eddington accretion rate for a radiative

efficiency η(= 0.1):

ṀEdd =
1

η

4πGMBH

cκT
≈ 0.25 M⊙ yr−1mBH,7, (1)

where G, c, and κT are the gravitational constant, the

speed of light, and the Thomson opacity, respectively.

For the primordial gas, we adopt κT = 0.35 cm2/g. We

note that in our normalization unit, ṁISM,1 = 0.1 corre-

sponds to the Eddington accretion rate. The Eddington

luminosity is calculated as

LEdd ≈ 1.4× 1045 mBH,7 erg s−1. (2)

The Rosseland mean opacity κ is a key quantity for de-

termining photospheric properties. Based on the opacity

data for pristine gas (M. Mayer & W. J. Duschl 2005),

M. C. Begelman et al. (2008) presented an approximate

fitting formula that neglects density dependence:

κ(T ) =
κT

1 + (T/T0)−s
, (3)

where T0 = 8000 K, s = 13, and κT = 0.35 cm2 g−1.

Its strong temperature dependence in the low temper-

ature regime (T < T0) is due to H− opacity. D. Kido

et al. (2025) adopted this function to derive the scaling

relations of rph and Tph. However, the original opacity

data in M. Mayer & W. J. Duschl (2005) does show a

non-negligible density dependence, as shown in Figure 2.
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Figure 2. The Rosseland mean opacity, taken from M.
Mayer & W. J. Duschl (2005), is presented. The fitting func-
tion by M. C. Begelman et al. (2008) is also included as a
gray dashed line (Equation (3)).

The fitting function of Equation (3) is also plotted for

comparison. We note that the fitting function signifi-

cantly underestimates the opacity data for low densities

(ρ ≲ 10−12 g cm−3) in 5000 K ≲ T ≲ 7000 K. To miti-

gate the discrepancy between the fit and the tabulated

data, we utilize the M. Mayer & W. J. Duschl (2005) ta-

ble data in this study. Therefore, the opacity κ depends

on both the density and temperature, κ(ρ, T ).

We numerically determine the photospheric solutions,

rph and Tph, under assumptions (i) and (iv). Specifi-

cally, the photospheric conditions are given by (S. W.

Stahler et al. 1986; D. Kido et al. 2025):

τph = ρphκ(ρph, Tph)rph = 1, (4)

ρph =
ṀISM

4πr2phvff(rph)
, (5)

LEdd = 4πr2phσSBT
4
ph, (6)

where vff(r) =
√
2GMBH/r is the free fall velocity

at a radius of r. The results are presented in Fig-

ure 3. We find photospheric solutions within the col-

ored region, while no solutions exist in the blank ar-

eas. Failure to find solutions occurs when the solver

exits the defined parameter space (primarily in regions

like ρph ≲ 10−16 g cm−3) or fails to converge on a

root under the given assumptions. Based on observed

LRD spectra, photospheric solutions with temperatures

of Tph ≲ 7000 K are considered plausible (A. de Graaff

et al. 2025a; H. Umeda et al. 2026). Therefore, to re-

strict the analysis to the temperature range and avoid

areas lacking solutions, we focus our study on the pa-

rameter space defined by 10 ≲ ṁISM,1 ≲ 104 and

10−2 ≲ mBH,7 ≲ 1.

We note that rph and Tph are functions of MBH and

ṀISM under the model assumptions. Within the lim-

ited parameter space mentioned above, we derive the

following fitting functions:

rph ≈ 4.6× 1016 cm ma1

BH,7ṁ
b1
ISM,1, (7)

Tph ≈ 5.5× 103 K ma2

BH,7ṁ
b2
ISM,1, (8)

where a1 = 0.552, b1 = 0.0780, a2 = −0.0258, and

b2 = −0.0390. We confirmed that the photospheric

luminosity Lph, derived from the fitting functions, is

nearly equal to LEdd, which is consistent with assump-

tion (iv). The photospheric temperature Tph is approx-

imately 5000–6000 K and exhibits a weak dependence

on both mBH,7 and ṁISM,1. This value is generally con-

sistent with LRD spectra. These solutions, character-

ized by such low photospheric temperatures, result from

high accretion rates (ṁISM,1 ≳ 1–10), which is consis-

tent with the expectation that BHEs are rapidly growing

in mass.

Equations (7) and (8) differ from those shown in D.

Kido et al. (2025) because we directly adopt the density-

dependent opacity table provided by M. Mayer & W. J.

Duschl (2005). While the power-law relations presented

in Equations (7) and (8) are useful, they are only valid

within the limited parameter space because the opacity

scaling changes drastically around T = 5000 K (Fig-

ure 2). Given this limitation, we retain rph explicitly

in the following physical relations and adopt a fiducial

value of rph = 1017 cm.

2.2.2. Hydrostatic Black Hole Envelope

Using the photospheric solutions as outer bound-

ary conditions, we numerically determine hydrostatic-

equilibrium solutions for embedded BHEs that satisfy

assumptions (ii) and (iii). The effects of feedback from

the central engine are ignored in this model (see also D.

Kido et al. 2025, for the arguments about the feedback

effect).

In this framework, the hydrostatic equilibrium struc-

ture is determined by two parameters: the energy in-

jection from an accreting black hole with luminosity,

β ≡ 1 − L/LEdd, and the efficiency of convective en-

ergy transport βc (see more details in the Appendix

of D. Kido et al. 2025)3. To find BHE solutions un-

der the black hole gravitational potential, we adopt

(β, βc) = (10−4, 3 × 10−3) as a fiducial set of parame-

ters while exploring the ranges of 10−5 ≤ β ≤ 10−3 and

3 When the temperature gradient is steeper than the adiabatic
value and the region becomes convectively unstable, the energy
flux is approximated by Fconv = βcpcs, where p is the total
pressure and cs is the isothermal sound speed.
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Figure 3. Photosphere survey results derived using the M. Mayer & W. J. Duschl (2005) opacity table. The left panel displays
the photospheric temperature Tph corresponding to the solutions for various sets of parameters defined by (mBH,7, ṁISM,1).
Regions marked blank indicate that no solutions exist under the given assumptions and opacity table. The right panel presents
the map of the photospheric density ρph.

10−3 ≤ βc ≤ 10−1 to examine the existence of solutions.

We confirmed that the gas pressure at the BHE surface,

which is a key quantity for determining the BHE field

strength (see Section 2.2.3), is insensitive (≲ 0.01%) to

the choice of β and βc within the range explored here.

We note that for MBH = 107M⊙, no solution satisfy-

ing assumption (iii) was found for ṁISM,1 ≳ 103. The

solutions commonly show a density inversion near the

BHE surface, as often found in one-dimensional models

for very luminous stars (e.g. P. C. Joss et al. 1973), but

we neglect its potential impact on the interior structure

for simplicity.

2.2.3. Magnetosphere

When BHEs are magnetized, their magnetospheres

will affect accretion dynamics, as discussed in many ac-

creting objects (e.g. R. F. Elsner & F. K. Lamb 1977;

M. M. Romanova & S. P. Owocki 2015). To investi-

gate these magnetic effects, we estimate the dipole field

strength Bsurf at the BHE surface using the thermal

equipartition field Beq, which is defined as the maximum

field strength that can be supported by the pressure at

the BHE surface psurf (e.g. E. N. Parker 1978; H. C.

Spruit 1976):

Bsurf = Beq =
√
8πpsurf . (9)

The total pressure at the BHE surface is the sum of the

gas and radiation pressures, pgas and prad. This can be

expressed as:

psurf = pgas + prad ≈ 2

3

g(rph)

κ(ρsurf , Tsurf)
, (10)

where g(r) denotes the gravitational acceleration at a

radius of r, and radiation pressure is ignored due to

its negligible contribution at the surface. The surface

density and temperature are denoted by ρsurf and Tsurf ,

respectively, and we set Tsurf = Tph. Furthermore, we

assume that the surface gravitational acceleration gph =

g(rph) at the photosphere is primarily determined by the

black hole mass (gph = GMBH/r
2
ph).

The assumption of thermal equipartition (Bsurf =

Beq) is motivated by solar and stellar observations. In

low-mass young stars (classical T Tauri stars, CTTSs),

which are magnetized convective stars near the Hayashi

limit, observations have often found field strengths sim-

ilar to or larger than the thermal equipartition field by

a factor of 2–3 (P. N. Safier 1999; C. M. Johns-Krull

2007). For giants, we examined Zeeman observations of

M. Aurière et al. (2015) and compared the observed field

strength with Beq. As a result, most magnetically active

giants in the sample show Bsurf ∼ Beq, which generally

supports our assumption. For more details on giants,

see Appendix A. Future magnetic field observations of

BHEs will examine the validity of this assumption.

The magnetospheric radius rmag quantifies the size of

the magnetosphere and is determined by balancing the

ram pressure exerted by the accretion flow against the

magnetic pressure of the BHE dipole field:

B(rmag)
2

8π
≈ ρacc(rmag)vff(rmag)

2, (11)

where ρacc(rmag) and vff(rmag) denote the mass den-

sity of the accretion flow and the free-fall velocity, re-

spectively, at a radius of rmag. Details regarding the

magnetic geometry are ignored in this calculation. Us-
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ing the relations given by B(r) = Bsurf(rph/r)
3 and

ṀISM = 4πr2ρaccvff , we obtain the following expression

(e.g. F. K. Lamb et al. 1973):

rmag = k

(
B4

surfr
12
ph

2GMBHṀ2
ISM

)1/7

, (12)

where k ∼ O(1) is a constant depending on the magnetic

geometry. If rmag > rph, the magnetosphere develops

outside the BHE, and the accretion shock forms just

outside the magnetosphere (see panel (a) of Figure 1).

Conversely, in cases of rmag ≤ rph, the magnetosphere

is crushed by the accretion flows, causing the accretion

shock to form at the photosphere. In this scenario, the

shock radius rsh will be max(rmag, rph).

The passage through the accretion shock creates a

high-temperature plasma. The temperature just behind

the shock, Tps, is given by

Tps =
3

16

µmH

kB
v′2ff . (13)

µ denotes the mean molecular weight, which is approx-

imately 0.5 for fully-ionized primordial gas. We adopt

v′ff = (4/3)vff as the accretion velocity, considering the

rising motion of the shock above the static BHE pho-

tosphere (G. G. Sacco et al. 2010). Due to its high

temperature (typically > 107 K), the shocked gas can

emit X-rays. We will investigate the resulting X-ray lu-

minosity from the post-shock region in Section 3.3.1.

The shocked gas cools and falls onto the BHE. This

infall motion will be regulated by the rotating magnetic

fields. Within the magnetosphere, accreting matter will

experience a centrifugal force. A key quantity charac-

terizing the significance of this force is the corotation

radius rcor, defined as

rcor =

(
GMBH

Ω2
ph

)1/3

. (14)

The centrifugal force can dominate over the gravita-

tional force when

rcor < rmag, (15)

otherwise the centrifugal force is weaker. Previous stud-

ies of accreting stars (e.g. M. M. Romanova & S. P.

Owocki 2015) refer to these two regimes as the propeller

and non-propeller regimes.

Previous magnetohydrodynamic (MHD) simulations

of stars suggest that the magnetosphere contains multi-

ple patchy plasmas (see Figure 1). Three-dimensional

(3D) MHD simulations of accreting stars commonly

demonstrate that accreting flows penetrate the mag-

netosphere, forming patchy accretion structures due

to Rayleigh-Taylor-type instabilities (e.g. A. K. Kulka-

rni & M. M. Romanova 2008; S. Takasao et al. 2022,

2025). When a star rotates rapidly (i.e., in the propeller

regime), it produces outflows that may prevent the for-

mation of such patchy accretion flows. However, gas out-

flowing from the stellar surface can accumulate around

the equatorial plane inside the magnetosphere, forming

dense clumps or disk-like structures (A. Ud-Doula et al.

2008; S. Daley-Yates & M. M. Jardine 2024). Consid-

ering these findings from stellar models, we therefore

expect the formation of patchy plasmas in the rotating

magnetosphere over a wide range of BHE spin rates.

We assume that these patchy plasmas are irradiated by

starburst UV and consequently produce Balmer emis-

sion lines.

2.2.4. Summary of formulae

We summarize key quantities below. The field

strength Bsurf and magnetospheric radius rmag depend

on the opacity at the BHE surface. To illustrate this

dependency, we introduce a normalized opacity κ̃ =

κ/(5×10−3 cm2 g−1). This normalization unit approxi-

mately corresponds to the value in the M. Mayer &W. J.

Duschl (2005) table, specifically at ρ = 10−10 g cm−3

and T = 5500 K.

gph ≈ 1.3× 10−1 cm s−2 mBH,7r
−2
ph,17, (16)

vff,ph ≈ 1.6× 103 km s−1 m
1/2
BH,7r

−1/2
ph,17, (17)

ρph ≈ ṀISM

4πr2phvff(rph)

≈ 7.8× 10−18 g cm−3 m
−1/2
BH,7ṁISM,1r

−3/2
ph,17, (18)

Bsurf ≈
√

16π

3

gph
κ

≈ 2.1× 10 G κ̃−1/2m
1/2
BH,7r

−1
ph,17 (19)

rmag ≈ 4.4× 1017 cm κ̃−2/7m
1/7
BH,7ṁ

−2/7
ISM,1r

8/7
ph,17 (20)

rmag

rph
≈ 4.4 κ̃−2/7m

1/7
BH,7ṁ

−2/7
ISM,1r

1/7
ph,17 (21)

These variables are fundamentally functions of only

MBH and ṀISM (or mBH,7 and ṁISM,1), as κ and rph
are functions of these quantities in our framework.
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Figure 4. The top and bottom panels illustrate the mag-
netospheric radius rmag and the ratio rmag/rph, respectively,
as functions of the normalized accretion rate ṁISM,1. Re-
sults for different MBH are presented. In the bottom panel,
the dashed horizontal line marks a ratio of unity; above this
threshold, the magnetosphere develops around the BHE.

Figure 4 illustrates the dependence of rmag (top panel)

and the ratio of rmag/rph (bottom panel) on the nor-

malized accretion rate ṁISM,1. Magnetosphere forma-

tion occurs when this ratio exceeds unity. The mag-

netospheric radius rmag monotonically increases with

mBH,7, while the ratio rmag/rph exhibits a weaker depen-

dence on it. As ṁISM,1 increases, the magnetospheric

size shrinks due to strong compression from the accre-

tion flow. Also, the ratio approaches unity because the

photospheric radius also expands, as shown in Equa-

tion (7). Consequently, the BHE model develops a mag-

netosphere across a wide range of parameters explored

in this work.

2.3. Key Questions of This Study

Gas-enshrouded AGN scenarios, such as the BHE

model, explain the low or absent X-ray emission ob-

served in LRDs. However, if the BHE is indeed actively

accreting, it may produce detectable X-ray emissions.

When the accretion shock forms at the photospheric ra-

dius, the shock temperature will be

Tps,ph ≡ Tps(rph)

≈ 5.4× 107 K mBH,7r
−1
ph,17 (22)

indicating that the shocked gas can emit X-rays due to

its high temperature. The accretion luminosity Lacc is

Lacc ≈
GMBHṀISM

rph

≈ 2.1× 1042 erg s−1 mBH,7ṁISM,1rph,17. (23)

Given that the current observational upper limit for the

X-ray luminosity is ∼ 1041 erg s−1 (X. Lin et al. 2026),

either the efficiency of X-ray radiation must be very low,

a substantial fraction of the X-ray emission must be ab-

sorbed before reaching observers, or both. We investi-

gate the X-ray emissions from the post-shock region in

Section 3.3.1.

Although the surface conditions of BHEs remain

highly uncertain, magnetized BHEs may produce hot,

X-ray emitting atmospheres, analogous to the solar

corona (Figure 1). This modeled corona must also be

consistent with observational constraints on the X-ray

luminosity. We aim to clarify the allowed parameter

space for the magnetized corona in Section 3.3.2.

Broad emission line profiles, such as the hydrogen Hα

line, are generally complex but often exhibit a Gaus-

sian component with a FWHM of a few 100 km s−1 or

larger, indicating contributions from Doppler broaden-

ing (e.g., V. Rusakov et al. 2025). If BHEs obscure the

central black hole, the standard AGN interpretation of

line broadening based on virial motions of clouds around

the black hole (A. E. Reines et al. 2013) may not be ap-

plicable. Instead, we propose that gas clumps within the

rotating magnetosphere play a key role in shaping these

broad emission lines, and we explore this possibility in

Section 3.2.

3. MODEL PREDICTIONS

3.1. SED of Accretion Shock

When the magnetosphere develops, the accretion

shock forms just outside it, where the gravitational po-

tential is shallower than at the BHE photosphere. Con-

sequently, the accretion speed and shock temperature

at the magnetospheric radius, vff,mag and Tps,mag, are

smaller than the corresponding quantities at the photo-

spheric radius, vff,ph and Tps,ph, respectively. Under the
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condition of Tph < T0, we evaluate:

vff,mag ≈ 7.8× 102 km s−1 κ̃1/7m
3/7
BH,7ṁ

1/7
ISM,1r

−4/7
ph,17,

(24)

Tps,mag ≈ 1.2× 107 K κ̃2/7m
6/7
BH,7ṁ

2/7
ISM,1r

−8/7
ph,17. (25)

Therefore, the BHE magnetic fields affects the SED of

accretion-origin emissions.

To quantitatively investigate the SED and resulting

X-ray luminosity from the post-shock region, we con-

struct an analytical model for the shocked gas. A de-

tailed description of this model is provided in Takasao

et al. (in prep.). Here, we outline a general scheme

for modeling the post-shock region: We assume that

the post-shock region within the range of T ≥ 104 K is

optically thin. Calculating the radiatively cooling gas

requires an optically thin radiative cooling function cor-

responding to a given elemental abundance. To obtain

this function, we utilize the CHIANTI database (G. Del

Zanna et al. 2021) and ChiantiPy (v0.15.2). For ana-

lytical calculations, we fit the resulting cooling function

using a multi-power-law function across the tempera-

ture range of T ≥ 104 K. Subsequently, by applying

the strong shock approximation and assuming constant

gas pressure (e.g. Y. Aoyama et al. 2018), we analyti-

cally solve for the post-shock structure given an accre-

tion speed and density. This solution yields the emission

measure distribution (EMD), which is the emission mea-

sure as a function of temperature. Using the EMD, we

compute the spectral luminosity as a function of wave-

length, Lλ erg s−1 Å
−1

, via Chiantipy tools. We con-

sider free-free, bound-free, and bound-bound emissions;

for primordial gas composition, the free-free component

dominates in the X-ray band. Finally, we obtain the to-

tal X-ray luminosity LX within a given energy band by

integrating Lλ. The detailed investigation of this X-ray

luminosity will be presented in Section 3.3.1.

Figure 5 illustrates the spectral luminosity calculated

by our post-shock model. The figure displays the black-

body radiation from the BHE photosphere (blue), the

total emission from the post-shock region (orange), and

the sum of these two components (dimgray). We assume

primordial elemental abundances, consisting only of H

and He. The normalized BH mass and accretion rates

are set to mBH,7 = 0.1 and ṁISM,1 = 10, respectively.

The accretion shock forms at the magnetospheric radius

rmag ≈ 2.6rph (see Figure 4). The spectral component

on the longer wavelength is formed by photospheric ra-

diation, while the shortward spectrum originates from

the optically thin emission of the post-shock gas. The

negative slope observed in this region directly reflects

the thermal structure of the post-shock plasma. The

shocked gas temperature is Tps,mag ≈ 1.4 × 107 K im-

mediately behind the shock, decreasing downstream due

to radiative cooling. Since hotter plasmas occupy larger

volumes, the gas with a temperature of ∼ Tps,mag acts

as the primary coolant in the post-shock region. Conse-

quently, the spectral luminosity at longer wavelengths is

generally lower due to the smaller volume occupied by

cooler plasma.

Moreover, to illustrate the role of magnetic fields in

shaping the spectrum, we show the non-magnetized

model spectrum using the gray dashed curve in Fig-

ure 5. In this magnetosphere-free scenario, the accretion

shock forms at the photospheric radius rph(≤ rmag) and

leads to the production of hotter plasmas compared to

the magnetized case. Therefore, the magnetized model

is predicted to yield much weaker X-ray emission. We

investigate the properties of accretion-origin X-rays in

detail in Section 3.3.1.

Figure 6 compares the model spectrum with observed

spectral luminosities for several LRDs. All spectral lu-

minosities are normalized by their values at rest-frame

5100 Å. Our BHE model exhibits a large UV-to-optical

ratio of ∼ O(10−3), whereas many LRDs show the ratio

of O(0.1) (e.g. K. Inayoshi & L. C. Ho 2025). Conse-

quently, the observed UV continuum in LRDs must arise

from additional energy sources, such as starburst activ-

ity surrounding the BHE and/or leakage of UV photons

from the BHE interior through the polar regions (Y.

Asada et al. 2026; see also K. Inayoshi et al. 2025a;

X. Lin et al. 2026; W. Q. Sun et al. 2026). Although

the post-shock region forms hot emission lines, their in-

tensities are considerably weaker than the observed UV

continuum and therefore appear obscured.

3.2. Interpretation of Observed Broad Line Regions

Figure 7 illustrates a schematic view of line-emitting

plasma clouds corotating with the magnetosphere (see

also Section 2.1 for the conjecture about plasma

clumps). The resulting emission lines are subject to

Doppler shifting due to the corotation motion of these

plasma clouds and potential scattering by electrons

(originating from accreting flows or larger-scale gas ion-

ized by starburst UV) before reaching observers. Conse-

quently, the observed line profile is modulated by both

the Doppler effect and electron scattering. Furthermore,

depending on the column density of neutral hydrogen,

Balmer absorption features will be superimposed upon

the broad-line profiles.

3.2.1. Line profiles

To illustrate schematic examples of line profiles broad-

ened by Doppler effects and electron scattering, we per-

form line-shape calculations using a simplified model.
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Figure 5. Intrinsic spectral luminosity of our BHE model calculated for MBH = 106M⊙ and ṀISM = 100ṀEdd (or mBH,7 = 0.1
and ṁISM,1 = 10). The blue line represents the blackbody radiation from the photosphere, characterized by a temperature of
5249 K. The orange line denotes the total emission from the post-shock region, while the dimgray line shows the sum of these
two components. We assume a primordial gas composition (H and He only). The X-ray luminosity in the photon energy range
of 2-10 keV is displayed at the top panel. The corresponding wavelength range used for computing this X-ray luminosity is
highlighted by the orange shaded region. Additionally, the total spectrum derived from the unmagnetized model is shown as a
gray dashed curve.

Figure 6. Comparison of the intrinsic spectrum of our BHE model with observational data. Both the modeled and observed
spectral luminosities (λLλ) are normalized at rest-frame 5100Å. The modeled spectral luminosity is calculated using the same
parameters as those presented in Figure 5 (mBH,7 = 0.1 and ṁISM,1 = 10). Overlaid observational data for LRDs include:
A2744-QSO1 at z = 7.04 (L. J. Furtak et al. 2024), MOM-BH∗-1 at z = 7.76 (R. P. Naidu et al. 2025), RUBIES-UDS-154183 at
z = 3.55 (A. de Graaff et al. 2025a), UNCOVER-45924 at z = 4.47 (I. Labbé et al. 2024), and CAPERS-LRD-z9 at z = 9.288
(A. J. Taylor et al. 2025). These data are also used in K. Inayoshi et al. (2025a).
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Figure 7. Schematic illustration of broad emission line for-
mation in our model. Yellow arrows highlight the emissions
originating from plasma clouds corotating with the magne-
tosphere.

To mimic emission from rotating gas clumps within the

magnetosphere, we assume a rigidly rotating disk that

produces an emission line. The ratio of inner to outer

radii is treated as a model parameter that controls the

velocity contrast within the magnetosphere, and the disk

is assumed to have a symmetric emissivity profile. Fur-

thermore, we include line broadening due to turbulent

motions to account for disordered plasma cloud move-

ments. The effect of electron scattering is character-

ized by the scatterer gas temperature and the scatter-

ing optical depth, τes. We fix the gas temperature at

104 K, corresponding to an electron thermal velocity of

approximately 400 km s−1. Limited spectral resolution

is accounted for by smoothing the resulting profile. Our

calculations utilize several free parameters: the ratio of

inner to outer radii, the viewing angle θview, the rota-

tion velocity at the outer disk edge vout, the turbulent

velocity vturb, the optical depth τes, and the smooth-

ing width. Using a Monte Carlo method, we compute

the Hα line profile as observed from a specified viewing

angle.

Figure 8 presents three examples illustrating differ-

ent τes. In all models, we set the ratio of the inner to

outer radii to 0.5 and the viewing angle to θview = 45◦

relative to the rotation axis, vout = 300 km s−1. The

top left panel shows the line profile modified solely

by the Doppler effect, which exhibits a double-peaked

structure. The intrinsic FWHM is FWHMintrinsic ≈
385 km s−1, approximately 2vout sin θview ≈ 424 km s−1.

We find the relation FWHMintrinsic ≈ 2vout sin θview over

a wide range of vout and θview. The other panels dis-

play how this reference line profile changes due to the

effects of electron scattering, turbulence, and spectral

smoothing. We set vturb = 0.1vout = 30 km s−1. The

smoothing width is 100 km s−1, which approximately

corresponds to a JWST/NIRSpec high resolution mode

(R ≃ 2700 at redshift z = 0). When electron scattering

and smoothing are considered, the double-peaked struc-

ture is smeared out. The resulting profile can be fitted

by a combination of a Gaussian-like core and an expo-

nential tail. As τes increases, the line wing broadens. We

note that the double-peaked structure remains visible for

τes ≲ 2 when vout is larger than several 100 km s−1.

To demonstrate the impact on observational interpre-

tation, we model the line profiles using a combination

of a Gaussian function and an exponential tail, follow-

ing V. Rusakov et al. (2025). Specifically, the profile is

fitted with the following function:

ffit(v) = A1 exp

(
v2

2σ2
D

)
+A2 exp

(
−|v|
W

)
, (26)

where A1 and A2 denote the amplitudes of the Gaus-

sian and exponential tails, respectively. When we define

the velocity dispersion of the Gaussian component as

FWHMDoppler and the e-folding scale of the exponen-

tial tail as FWHMExp (Figure 8), then σD and W are

related to these quantities as follows: FWHMDoppler =

2
√
2 ln 2σD and FWHMExp as FWHMExp = 2

√
ln 2W .

It is worth noting that some studies, such as J. Matthee

et al. (2026), adopt a different fitting approach by con-

sidering an additional narrow Gaussian component sep-

arately. The fitting results show that FWHMDoppler ≈
390–400 km s−1 and FWHMDoppler are nearly insensi-

tive to the scattering optical depth τes. Therefore, we

find FWHMDoppler ≈ FWHMintrinsic ≈ 2vout sin θview.

In contrast, the line tail scale FWHMExp increases from

∼ 530 km s−1 to ∼ 1100 km s−1 as τes increases from

0.5 to 2. These examples suggest that fitting the spec-

trum with a Gaussian function alone is insufficient for

estimating the true Doppler component.

3.2.2. Methods for BH Mass Estimate

Historically, FWHMDoppler and the luminosity have

been combined to estimate the black hole mass in AGNs,

assuming that line broadening is primarily produced by

the Doppler effect. We briefly review this method; AGN

observations reveal an empirical size-luminosity relation
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Figure 8. Schematic examples of expected Hα line shapes broadened by Doppler effects and electron scattering. The top-left
panel presents the reference line profile, calculated assuming a rotation velocity at the outer disk edge of vout = 300 km s−1

and a viewing angle of θview = 45◦ from the rotation axis, considering only the Doppler effect. In contrast, the panels on the
top right, bottom left, and bottom right incorporate additional effects: electron scattering, turbulence, and spectral smoothing.
For these examples, the electron scattering optical depth is varied as τes =0.5, 1, and 2. Furthermore, a smoothing width of
100 km s−1 is applied to mimic limited spectral resolution. Within these panels, the solid blue lines show profiles modified only
by Doppler effects from rotation and turbulence (scaled by a factor of 0.2). The black solid lines represent the full spectral
profiles, including Doppler effects, electron-scattering broadening, and smoothing. The red dashed lines denote the overall fitting
function (a Gaussian plus an exponential tail), while the blue dashed lines indicate the fitted Gaussian components. Detailed
model descriptions and parameters are provided in the main text.

for broad line regions (BLRs) (M. C. Bentz et al. 2013):

rBLR ≈ 9.3× 1016 cm

(
L5100

1044 erg s−1

)0.542

, (27)

where L5100 is defined as the monochromatic luminosity

at 5100 Å. Furthermore, L5100 is considered a reasonable

measure of the luminosity of ionizing photons produced

in AGNs. To estimate the black hole mass, the virial

relation has been commonly employed (J. E. Greene &

L. C. Ho 2005; A. E. Reines et al. 2013), assuming that

the broad-line emitting clouds are virialized at the BLR

radius:

GMBH,vir

rBLR
= fvir(FWHMDoppler)

2, (28)

where fvir is a virial coefficient, and we adopt fvir = 1 as

a fiducial value. We distinguish the true black hole mass,

denoted by MBH, from the black hole mass estimated

using the virial relation, MBH,vir. By combining these

two relations, we find the following:

FWHMDoppler ≈ 1.2× 103 km s−1

×
(
MBH,vir

107M⊙

)1/2(
L5100

1044 erg s−1

)−0.271

.

(29)

Therefore, assuming the virial relation, we can obser-

vationally estimate the black hole mass MBH using

FWHMDoppler and L5100. FWHMDoppler is often esti-

mated from Hα line emission, and J. E. Greene & L. C.

Ho (2005) presents an empirical relation between the

broad Hα luminosity and L5100:

LHα = 5.25× 1042 erg s−1

(
L5100

1044 erg s−1

)1.157

. (30)

Our BHE-as-a-protostar model proposes an alter-

native interpretation to the standard understanding.
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Within this framework, the photospheric luminosity is

written as

Lph = 4πr2phσSBT
4
ph = LEdd. (31)

We note that Lph is independent of the accretion rate

ṁISM,1, as demonstrated by Lph = LEdd ∝ MBH. Fur-

thermore, line broadening originates not from virial mo-

tion of gas clouds but from rotation within the magne-

tosphere. Based on the idealized model in Section 3.2,

we predict vout = rmagΩph or

FWHMDoppler ≈ 2rmagΩph sin θview (32)

We parametrize the spin rate using a nondimensional

parameter, frot, defined as

Ωph = frotΩK(rph), (33)

and the value must be restricted to the range 0 ≤ frot ≤
1 to avoid the break-up of the BHE due to centrifugal

force. Consequently, we obtain the following relation:

FWHMDoppler ≈ 2frot
rmag

rph
vK(rph) sin θview,

≈ 1.0× 103 km s−1 sin θviewfrot,−1

× κ̃−2/7m
9/14
BH,7ṁ

−2/7
ISM,1r

−5/14
ph,17 . (34)

FWHMDoppler of this model exhibits a weak dependence

on both mBH,7 and ṁISM,1, but depends on the view-

ing angle θview. This equation can predict the possible

maximum value for FWHMDoppler. Furthermore, it can

be used to verify whether the BHE is rotating at a spin

rate smaller than the break-up value.

The left panel of Figure 9 displays the relation be-

tween FWHMDoppler and L5100 derived from our model

with θview = π/4. The color contours map the black

hole mass MBH, which corresponds to L5100 (Equa-

tion 31). Separately, the monochromatic luminosity

L5100 is calculated using the blackbody spectrum for

Tph. The solid curves depict FWHMDoppler as defined

in Equation (34) for the value of ṁISM,1 = 10, ranging

from thin to thick lines corresponding to frot = 0.03,

0.1, 0.3, and 1. These curves are nearly vertical be-

cause FWHMDoppler exhibits only a weak dependence

on mBH,7, and consequently on L5100. The range of

100 km s−1 ≲ FWHMDoppler ≲ 500 km s−1 implies

0.1 ≲ frot ≲ 0.3. Our model is capable of account-

ing for FWHMDoppler ≈ 2000 km s−1 when frot ≈ 1.

Furthermore, increasing the value of ṁISM,1 results in a

slightly smaller FWHMDoppler (shown by dashed lines).

The right panel of Figure 9 compares the black hole

mass in our model with that estimated using the virial

relation (Equation 29). The plot indicates that when

L5100 is higher and FWHMDoppler is smaller, the virial-

relation-based method tends to underestimate MBH,

and vice versa. Consequently, we caution against simply

applying the virial-relation-based method for black hole

mass estimation.

In both panels of Figure 9, we incorporate LRD data

of FWHMDoppler which were carefully derived by V.

Rusakov et al. (2025). While the observed FWHM

is generally > 1000 km s−1, the study argues that

line broadening is heavily affected by electron scatter-

ing (see also M. C. Begelman & J. Dexter 2026). By

subtracting this contribution, they derive a corrected

value, FWHMDoppler. Furthermore, L5100 is inferred

from LHα using Equation (30). The data points are

generally consistent with the model parameter ranges

of 0.1 ≲ frot ≲ 0.3 and 106M⊙ ≲ MBH ≲ 107M⊙
(left panel). Finally, the right panel suggests that ap-

plying the virial-relation-based method erroneously es-

timate the black hole mass of a fraction of the samples

by a factor of 3-10.

3.3. X-ray Luminosity

One crucial observational property of LRDs is the

weakness or absence of X-rays (e.g. K. Inayoshi & L. C.

Ho 2025). To test whether our model is consistent with

observations, we investigate the intrinsic X-ray luminos-

ity arising from an accreting and magnetized BHE. Fol-

lowing X. Lin et al. (2026), we adopt 1041 erg s−1 as

the observational upper limit for the X-ray luminosity

in the energy range of 2-10 keV.

We consider two primary sources for X-ray emission:

(1) the post-shock region of the accretion shock, which

we denote as the accretion-origin, and (2) the magneti-

cally heated corona, designated as the magnetic-origin.

These structures are illustrated in Figure 1. We estimate

the intrinsic X-ray luminosities from these two sources

separately.

3.3.1. Accretion-origin X-rays: Accretion Shocks

Using the spectral luminosity model of the post-shock

region (Section 3.1), we estimate the X-ray luminosity

produced by the accretion shock. Considering the case

(mBH,7, ṁISM,1) = (0.1, 10) as an example (Figure 5),

we find that the shock temperature is Tps,mag ≈ 1.4 ×
107 K. In this case, the X-rays with a photon energy of

approximately 1 keV (or ∼ 10Å) dominate the radiative

output. The intrinsic X-ray luminosity in the energy

range of 2-10 keV is approximately 3.7 × 1039 erg s−1

(see the colored region in Figure 5).

The dependence of the X-ray radiative efficiency on

black hole mass and accretion rate is examined here.

The top panel of Figure 10 displays the ratio of intrinsic

X-ray luminosity to the accretion luminosity, LX/Lacc.
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Figure 9. Left: Relation between FWHMDoppler and L5100 for θview = π/4. The color contours depict the black hole mass,
MBH. Solid lines illustrate FWHMDoppler for ṁISM,1 = 10, showing values for frot = 0.03, 0.1, 0.3, and 1 from thin to thick
lines. The colored region is constrained by the explored range of the black hole mass (105 ≤ MBH/Modot ≤ 107). Dashed lines
correspond to cases defined by ṁISM,1 = 1000. Right: Ratio of the theoretical black hole mass MBH to that inferred using the
virial relation MBH,vir. In both panels, points with error bars represent data sourced from Extended Data Table 3 in V. Rusakov
et al. (2025). Note that the reported FWHM values include only the Doppler component, excluding contributions from electron
scattering. Data for IDs B, D, and G are excluded due to complex line profiles, and data for ID E is also excluded due to its
high Hα luminosity. Furthermore, conversion of LHα to L5100 utilized Equation (30).

It should be noted that X-ray attenuation is ignored in

this calculation. This ratio increases sensitively with

mBH,7, while exhibiting only a weak increasing trend

with increasing ṁISM,1. Considering that the X-ray lu-

minosity is sensitive to the amount of plasma with tem-

peratures in the range of 1–10 keV (∼ 107–108 K), we

also examine its dependence on the shock temperature

Tps,mag. The bottom panel of Figure 10 shows the de-

pendency of Tps,mag. Specifically, the shock tempera-

tures for the cases of MBH/M⊙ = 106 and 107 are above

107 K, whereas those for the cases ofMBH/M⊙ = 105 are

below the temperature. This difference explains why the

X-ray radiative efficiency for the cases of MBH/M⊙ =

105 is significantly smaller than that found in the higher

mass cases. Furthermore, the bottom panel compares

shock temperatures with and without magnetospheres.

The discrepancy between these two regimes is significant

at lower accretion rates but decreases for higher rates as

the magnetosphere shrinks (Figure 4).

The top panel of Figure 11 shows the relationship be-

tween the intrinsic X-ray luminosity and the normalized

accretion rate ṁISM,1. The intrinsic X-ray luminosity

monotonically increases with ṁISM,1. For the cases cor-

responding to MBH/M⊙ = 106 and 107, the intrinsic

X-ray luminosity is found to exceed the observational

upper limit, 1041 erg s−1 (X. Lin et al. 2026). In con-

trast, the X-ray luminosity for MBH/M⊙ = 105 remains

below this limit due to low radiative efficiency of X-rays

(Figure 10).

Since intrinsic X-rays are expected to be attenuated by

accretion flows, we incorporate photoelectric absorption

(D. E. Osterbrock & G. J. Ferland 2006) to better assess

the possibility of observational detection. We approxi-

mate the column density using NH = ρacc,magrref/mp,

where mp represents the proton mass and rref denotes

a typical spatial scale for density variation within the

accretion flow. For this analysis, we assume that the

accreting flow is mostly neutral. We adopt rref = rmag

and rph for the cases with and without magnetospheres,

respectively.

The middle panel of Figure 11 illustrates how the at-
tenuated X-ray luminosity depends on ṁISM,1. When

attenuation is accounted for, we find that the X-ray lu-

minosities for MBH/M⊙ = 105–107 are ≲ 1041 erg s−1.

Consequently, the X-ray luminosities no longer exhibit

a monotonic increase because photoelectric absorption

becomes more significant at higher values of ṁISM,1.

Furthermore, models with lower shock temperatures are

subject to more severe photoelectric absorption (for ex-

ample, comparing results with and without magneto-

spheres). This effect is a direct consequence of the en-

ergy dependency of the cross section.

In our spherical accretion model, the BHE is sur-

rounded by accreting flows that contain a hot thin shell

of post-shock gas (see also Figure 1). The bottom panel

of Figure 11 displays the column densities for these two

layers: the neutral accretion flow and the fully ionized

post-shock region. We find that the electron column
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Figure 10. Top panel: Radiative efficiency of X-rays in
terms of the accretion luminosity, LX/Lacc, as a function of
ṁISM,1. The black, orange, and blue lines denote results
for cases of MBH = 105, 106, 107M⊙, respectively. Bottom
panel: Shock temperature at the magnetospheric radius,
Tps,mag, as a function of ṁISM,1. Solid and dashed curves
show the results with and without magnetospheres.

density in the fully ionized post-shock region, Ne,ps, is

smaller than 1024 cm−2, suggesting that this layer is op-

tically thin to Thomson scattering. Although ionizing

photons from the post-shock gas will ionize a fraction of

the accreting flows, the resulting electron column den-

sity outside the accretion shock remains smaller than

that within the post-shock region. Consequently, radia-

tion emerging from the BHE will be largely unaffected

by the post-shock gas itself. However, the emerging ra-

diation may still be altered by neutral accreting flows

Figure 11. The dependence of accretion-origin X-ray lu-
minosity LX on the normalized accretion rate ṁISM,1 for
various black hole masses MBH. The top panel shows the
intrinsic X-ray luminosity produced in the post-shock re-
gion, while the middle panel displays the X-ray luminos-
ity attenuated by photoelectric absorption. In both panels,
solid and dashed curves represent results with and without
magnetospheres. Horizontal dashed lines denote the value of
LX = 1041 erg s−1. The X-ray luminosity is calculated from
the model spectral luminosity in the photon energy range
of 2-10 keV. The bottom panel presents the column densi-
ties: NH (solid) and Ne,ps (thin solid). NH is used for the
attenuation calculation.

through resonance and Raman scattering (S.-J. Chang

et al. 2026).

3.3.2. Magnetic-origin X-rays: Magnetically Heated
Corona

Convective stars, such as the Sun and CTTSs, exhibit

X-ray emitting coronae (e.g. M. Güdel 2004). If BHEs
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are also convective and magnetized via dynamo activi-

ties, they may form hot, X-ray emitting coronae (Fig-

ure 1). To validate our BHE-as-a-protostar model, we

must investigate the expected coronal X-ray luminosity.

We adopt a general concept of solar/stellar coronal

heating based on energy balance in a steady atmosphere

(R. Rosner et al. 1978; S. Takasao et al. 2020). Sup-

pose that a hot, X-ray emitting corona with tempera-

ture Tc(> 106 K) forms in response to magnetic heating.

Since this corona resides above the cooler underlying

atmosphere, thermal conduction by free electrons trans-

ports energy toward the low atmosphere. This lower

region receives the thermal energy and subsequently re-

leases it as radiation. By denoting the thermal conduc-

tion flux and the radiative flux as Fc and Fr, respec-

tively, we obtain the following steady-state relation for

the corona:

Fc ≈ Fr. (35)

The thermal conduction flux Fc is approximated as

Fc ∼ κ0
T

7/2
c

lT
, (36)

where we assume Spitzer-type conductivity and κ0 ≈
10−6 (L. Spitzer 1956). Here, lT denotes the spatial scale

of the temperature gradient (approximately the distance

between the location of the temperature maximum and

the base of the corona along a field line). The radiative

flux is estimated as

Fr ≈ n2
bΛ(Tb)ln, (37)

where nb and Tb represent the number density and tem-

perature at the coronal base, respectively. ln denotes the

spatial scale of the density gradient in the radial direc-

tion.

The X-ray luminosity LX of the coronal base is esti-

mated as follows:

LX ≈
∫

n2
bΛ(Tb)dV, (38)

where the integrated volume corresponds to the volume

of the low corona. When ln ≪ rph, we can estimate

this volume using a thin shell approximation, yielding

4πr2phln. Combining this relation with the energy bal-

ance yields the following relationship:

LX ∼ n2
bΛ(Tb) · 4πr2phln

≈ 4πκ0r
2
phl

−1
T T 7/2

c . (39)

Figure 12. Coronal X-ray luminosity as a function of the
coronal temperature Tc for MBH = 107M⊙. The horizontal
dashed line marks an observational upper limit, 1041 erg s−1,
and the shaded region is excluded by this constraint.

As a measure of lT , we take the pressure scale height H

for the coronal temperature:

H =
kBTc

µmpgph

≈ 1.2× 1016 cm m−1
BH,7r

2
ph,17Tc,7, (40)

where kB and mp are the Boltzmann constant and the

proton mass, respectively. This result confirms that

H ≪ rph for mBH,7 ∼ 1, thereby validating our approxi-

mation of the thin shell volume for the typical black hole

mass. Using a nondimensional constant fH , we express

lT as

lT = fHH. (41)

For the solar corona, fH ∼ O(1)–O(10). Using Equa-

tions (39), (40) and (41), we derive the relation for the

coronal X-ray luminosity as a function of MBH, Tc and

fH :

LX ∼ 4πκ0µmpG

kB
MBHf

−1
H T 5/2

c

≈ 3.2× 1037 erg s−1 mBH,7f
−1
H,0T

5/2
c,7 (42)

Figure 12 shows LX as a function of the coronal tem-

perature Tc for the case of fH and MBH = 107M⊙. Con-

sidering the observational constraint of the X-ray lumi-

nosity (1041 erg s−1), the coronal temperature must be

constrained to Tc ≤ Tc,up, where Tc,up is estimated as:

Tc,up ∼ 3× 108 K f
2/5
H,0L

2/5
X,41m

−2/5
BH,7 (43)
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We note that a higher Tc is allowed for a smaller MBH,

according to the relation (42).

The mechanism determining the coronal temperature

Tc remains uncertain due to ambiguities regarding the

detailed energy injection processes and the stratified

atmospheric structure. Nevertheless, magnetically ac-

tive low-mass stars, including CTTSs, commonly show

Tc ≲ a few 107 K (except for the phase of flares driven

by magnetic reconnection. See e.g., T. Preibisch et al.

2005). The apparent upper limit may be constrained by

the strong dependence of thermal conductivity on Tc.

Furthermore, since this apparent upper limit is com-

parable to the virial temperature, gravitational bounds

represent another key factor. For BHEs, the virial tem-

perature is estimated as

Tvir =
µmp

2kB

GMBH

rph

≈ 4.0× 107 K mBH,7r
−1
ph,17, (44)

which is lower than the upper limit of the allowed coro-

nal temperature for MBH = 107M⊙ (∼ 3 × 108 K, see

Figure 12). For BHEs with smaller MBH, the virial

temperature decreases while the upper limit increases

(Equation (43)). As a result, we expect that BHE coro-

nae will not produce strong, detectable X-rays even if

they are present.

4. DISCUSSION

4.1. Accretion-origin Emissions

After passing through an accretion shock, accretion

flows cool from a temperature of 107-108 K. This cooling

process suggests the formation of hot emission lines of

hydrogen and helium, which are generally not detected

in LRDs. Our post-shock model indicates that while

these hot emission lines will form, they will be signifi-

cantly weaker than the BHE photospheric emission (see

Figures 5 and 6). As a result, our BHE model is consis-

tent with the non-detection of such hot emission lines.

The modeled spectral luminosity’s UV-to-optical ratio

is significantly smaller than typical observed values (Sec-

tion 3.1). For the case of (mBH,7, ṁISM,1) = (0.1, 10)

(Figure 5), the total accretion luminosity at the mag-

netospheric radius is only ∼ 5 × 1041 erg s−1. In con-

trast, the BHE photospheric luminosity (∼ 1044 erg s−1)

is much larger. Consequently, a small ratio for shock-

origin UV to optical emission is expected. Our model

therefore requires additional sources of UV radiation to

account for the full SEDs of LRDs, such as starburst

activity (K. Inayoshi et al. 2025a).

In Section 3.1, we focused only on the optically thin

post-shock layer. The structure of the cooler and denser

layer below this region is reserved for future investi-

gation. However, in cases of stellar accretion within

CTTSs, an accretion-heated, optically thick layer forms

beneath the optically thin post-shock layer (L. Hart-

mann et al. 2016). The effective temperature of this

heated layer, Teff,shock, can be estimated from energy

balance: σSBT
4
eff,shock ∼ ρaccv

3
acc/2, where σSB is the

Stefan-Boltzmann constant (e.g. M. M. Romanova et al.

2004), and ρacc and vacc denote the density and speed of

the accretion flow. Applying this picture to the accre-

tion shock around the BHE at rmag yields the following

effective temperature for the shocked gas:

Teff,shock ∼

(
ρacc,magv

3
ff,mag

2σSB

)1/4

≈ 2.5× 102 K κ̃3/14m
1/7
BH,7ṁ

13/28
ISM,1r

−6/7
ph,17

≈ 1.3× 103 K m
1/4
BH,7ṁ

1/4
ISM,2r

−3/4
mag,17, (45)

where ρacc,mag = ṀISM/(4πr2magvacc,mag). Since this

calculated temperature is significantly smaller than the

observationally inferred photospheric temperature (∼
5000 K; see, e.g., X. Lin et al. (2026)), we consider that

the shocked gas cannot entirely cover the BHE by form-

ing an optically thick shell. This picture aligns with our

argument regarding the possible origin of BLRs (Sec-

tions 2.1 and 3.2). Namely, if the shocked gas does not

accumulate at the magnetospheric radius, either because

it penetrates into the magnetosphere (likely in the non-

propeller regime) or because it is disturbed by outflows

(likely in the propeller regime), an optically thick shell

will not form.

Since the typical temperature of Teff,shock ∼ 1.3 ×
103 K is comparable to the dust sublimation temper-

ature, we expect potential confusion with genuine dust

emission. Observations have shown that a fraction of

LRDs, as well as stacked SEDs, exhibit an infrared ex-

cess (J. Lyu et al. 2024; I. Delvecchio et al. 2025; X. Lin

et al. 2026), which has been conventionally interpreted

as evidence for warm dust. However, our BHE model

suggests that this infrared excess may instead be pro-

duced by optically thick gas in the post-shock region.

If this is the case, the magnitude of the excess could

provide a constraint on the filling factor of the optically

thick gas.

4.2. Role of Observations in Understanding Magnetic

Properties of Giant Stars

Giant stars and BHEs share several fundamental phys-

ical characteristics, including convective interiors capa-

ble of generating magnetic fields through dynamo ac-

tion. Indeed, spectroscopic observations have directly
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detected stellar magnetic fields in a fraction of giant

stars (e.g., W. H. T. Vlemmings et al. 2005; M. Aurière

et al. 2015; B. Tessore et al. 2017). In addition, X. Lin

et al. (2026) identified absorption features of Na D, K,

and Ca II in LRDs, resembling spectral features com-

monly observed in the atmospheres of cool stars. Al-

though these absorption features do not directly indi-

cate the presence of magnetic fields, future spectroscopic

studies may help clarify whether they are related to mag-

netic activity and field properties in BHEs.

Investigating the magnetic properties of LRDs is cru-

cial for assessing the validity of our magnetized BHE

model. Furthermore, if LRDs represent precursors to

AGNs, characterizing their magnetic fields may provide

insight into the origin of magnetism during the AGN

phase. Although magnetic fields in AGNs are believed

to play a central role in launching jets, their ultimate

origin remains uncertain. Existing scenarios include dy-

namo amplification within accretion disks and the ad-

vection of ambient magnetic fields (e.g., J. F. Hawley

et al. 2015). We propose that magnetic fields generated

by dynamo action within BHEs represent an additional

channel for the origin of AGN magnetic fields.

Considering the existing stellar and LRD observa-

tions, investigating the relationship between stellar mag-

netic properties and atmospheric absorption lines (such

as Na D and Ca II) offers a promising diagnostic tool

for testing our magnetized BHE model. Such links have

been extensively studied in solar-type stars; we will

briefly introduce this approach to motivate similar ob-

servational studies in giant stars and LRDs.

In solar-type stars, Ca II absorption features originate

in the chromosphere. Stronger stellar magnetic fields

correlate with increased absorption core intensity due

to enhanced chromospheric heating. Solar observations

have established empirical relations between the depth

of these absorption lines and the averaged stellar mag-

netic field strength, enabling us to infer the average field

strength of unresolved solar-type stars (e.g. C. J. Schri-

jver et al. 1989; Y. Notsu et al. 2015). Furthermore,

this average field strength allows for the computation of

the total magnetic flux. This total magnetic flux is a

valuable parameter used to estimate the coronal X-ray

luminosity (A. A. Pevtsov et al. 2003).

Dwarf star observations have developed useful tech-

niques for studying stellar magnetic properties. Ap-

plying these methods to LRDs will open a new avenue

for testing the hypothesis of magnetized BHEs. Ad-

ditionally, it is important to observationally examine

whether empirical relations derived from cool dwarfs ap-

ply equally to giant stars and BHEs. Significant phys-

ical differences among cool dwarfs, giants, and BHEs,

particularly in surface gravity and the role of radiation

pressure, must be taken into account in this comparison.

For detailed information regarding magnetic field obser-

vations and spectroscopic features in cool stars, we refer

readers to A. Reiners (2012) and J. L. Linsky (2017).

4.3. Some Remarks on BHE Spins

Section 3.2 highlights that the BHE spin is crucial for

interpreting the Doppler broadening of emission lines.

BHEs can acquire significant angular momentum from

accreting flows. If these objects contract in response to

Kelvin-Helmholtz contraction without losing their an-

gular momentum, they will spin up and potentially en-

ter the propeller regime. Therefore, a detailed under-

standing of BHE spin evolution is critical for correctly

interpreting observational data. Furthermore, if BHEs

are subject to non-spherical disk accretion, knowledge

of star-disk interaction in solar-mass protostars will be-

come particularly useful for modeling the spin-up/down

processes of BHEs (see S. Takasao et al. (2025) and ref-

erences therein).

We estimate the critical conditions separating the pro-

peller and non-propeller regimes. This condition is ex-

pressed as rcor = rmag. Using the relation given by

rcor = f
−2/3
rot rph (Equations (14) and (33)), we find the

critical value of frot to be

frot,crit =

(
rmag

rph

)−3/2

≈ 0.11κ̃3/7m
−3/14
BH,7 ṁ

3/7
ISM,1r

−3/14
ph,17 ,

(46)

where we have used Equation (21). If frot > frot,crit, the

BHE will be in the propeller regime.

BHEs in the propeller regime are expected to produce

outflows, whose signatures may be imprinted on spectral

line profiles as P-Cygni features. However, MHD simu-
lations (O. D. Toropina et al. 2005) suggest that these

outflows might be confined to a limited region by the

surrounding accretion flows. Consequently, the forma-

tion of failed outflows around the equatorial plane could

cause the accretion shock to become oblate and poten-

tially reduce the overall accretion rate. Investigating

these complex effects requires future dedicated studies.

5. SUMMARY

We present a theoretical model for LRDs, assuming

that a black hole is embedded within a dense BHE be-

having like a convective protostar near the Hayashi-

limit. This framework incorporates free-falling spher-

ical accretion at high rates exceeding the Eddington

value. By considering magnetic field effects, we investi-

gate the dynamical and spectral properties of this BHE-

as-a-protostar model. The main findings are as follows:
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• If BHEs possess surface magnetic fields similar

to the thermal equipartition field Beq, they de-

velop a magnetosphere across a wide range of black

hole masses and accretion rates. In particular, for

BHEs with MBH ≤ 107 M⊙, this magnetosphere

remains uncollapsed even at very high accretion

rates (see Section 2.2 and Figure 4).

• Our BHE model proposes a new interpretation

of broad emission lines in LRDs (Section 3.2).

The model predicts that Doppler broadening arises

from plasma clumps corotating with the BHE

magnetosphere, contrasting with the standard

AGN picture where line broadening is typically

attributed to the virial motion of gas clumps.

The rotating magnetized BHE model can produce

Doppler components corresponding to a few thou-

sand km s−1. The line profile shaped by Doppler

effects intrinsically exhibits a double-peaked struc-

ture. When additional broadening due to electron

scattering is included, this double-peaked struc-

ture becomes smoothed, and the resulting profile

can be fitted by a combination of a Gaussian-like

core and an exponential tail.

• If LRDs are magnetized, rotating BHEs, conven-

tional black hole mass estimation based on the

virial relation may yield erroneous results (Fig-

ure 9). We suggest that for LRDs exhibiting

FWHMDoppler ≳ 103 km s−1, the actual mass

could be smaller by an order of magnitude or

more. Conversely, for LRDs with FWHMDoppler ≲

3×102 km s−1, the actual mass could be larger by

a factor of three or more.

• Our BHE model accounts for the observed ab-

sence or weakness of X-rays in LRDs (Section 3.3).

Within this framework, two potential sources con-

tribute to X-ray emission: (1) the post-shock

region of the accretion shock (Section 3.3.1)

and (2) the magnetically heated corona (Sec-

tion 3.3.2). We evaluate the X-ray luminosi-

ties from these sources and find that they are

lower than 1041 erg s−1 over a wide parameter

range, which is consistent with observationally in-

ferred upper limits. Furthermore, regarding the

accretion-origin emission, we show that BHE mag-

netic fields reduce the X-ray luminosity by lower-

ing the shock temperature (e.g., Figures 10 and

11).
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APPENDIX

A. SURFACE MAGNETIC FIELD STRENGTH OF

GIANT STARS

To examine the ratio of observed field strength to the

thermal equipartition field Beq in giant stars, we uti-

lize data from magnetically active giants reported by

M. Aurière et al. (2015). This dataset includes Zeeman

measurements of the maximum longitudinal magnetic

field strength during observations, |Bl|max. We com-

pute Beq using observationally estimated surface grav-

ity, effective temperature, and the opacity model (see

Section 2.1). Furthermore, we incorporate the S-index

provided by M. Aurière et al. (2015), which measures

magnetic activity based on chromospheric Ca II emis-

sions; a larger S-index indicates a higher level of mag-

netic activity.

Figure 13 shows the normalized field strength,

|Bl|max/Beq, plotted against the S-index. The data re-

veal that most samples exhibit |Bl|max/Beq ∼ 1, which

motivates us to assume Bsurf ∼ Beq in Section 2.2.3.

B. FITTING FORMULA OF OPACITY

Figure 2 suggests that the tabulated Rosseland mean

opacity can be fitted by a power law function below

6000 K. Given that the typical range of the photospheric

temperature is ≲ 6000 K, we derive a fitting function for

comparison with the fit presented in M. C. Begelman

et al. (2008). The resulting fitting function, only valid

within the range of 10−16 g cm−3 ≤ ρ ≤ 10−12 g cm−3
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Figure 13. Surface magnetic field strength of giant stars
normalized by their thermal equipartition field, Beq. The
data are sourced from M. Aurière et al. (2015). The hori-
zontal dashed line denotes the ratio of unity.

and 3000 K ≤ T ≤ 6000 K, is obtained as follows:

κ(ρ, T ) ≈ 4.26× 10−2 cm2 g−1

×
(

ρ

10−15 g cm−3

)qd ( T

5000 K

)qT

, (B1)

where qd = −0.37 and qT = 16.76. The typical scatter

and worst error for this fit are approximately 30% and

80%, respectively. This function exhibits a stronger de-

pendence on temperature than the fit provided by M. C.

Begelman et al. (2008). To avoid error propagation, we

did not use this fit to derive rph and Tph. Although one

might calculate scaling relations of other quantities by

combining this fit with the scalings derived from rph and

Tph, we caution that the opacity’s very strong tempera-

ture dependence could cause significant deviations from

actual values. Therefore, we avoid deriving such scaling

relations by combining these variables.
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